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ABSTRACT
Formation, evolution, and dispersal processes of protoplanetary disks are investigated
and the disk lifetime is estimated. Gravitational collapse of a pre-stellar core forms
both a central star and a protoplanetary disk. The central star grows by accretion from
the disk, and irradiation by the central star heats up the disk and generates thermal
wind, which results in the disk dispersal. Using the one-dimensional diffusion equation,
we numerically calculate the evolution of protoplanetary disks. To calculate the disk
evolution from formation to dispersal, we add source and sink terms that represent
gas accretion from pre-stellar cores and photoevaporation, respectively. We find that
the disk lifetimes of typical pre-stellar cores are around 2–4 million years (Myr). A
pre-stellar core with high angular momentum forms a larger disk whose lifetime is
long, while a disk around a X-ray luminous star has a short lifetime. Integrating the
disk lifetimes under various mass and angular velocity of pre-stellar cores and X-
ray luminosities of young stellar objects, we obtain disk fraction at a given stellar
age and mean lifetime of the disks. Our model indicates that the mean lifetime of
protoplanetary disks is 3.7 Myr, which is consistent with the observational estimate
from young stellar clusters. We also find that the dispersion of X-ray luminosity is
needed to reproduce the observed disk fraction.
Key words: protoplanetary discs – accretion, accretion discs – circumstellar matter
– stars: formation – stars: low-mass
1 INTRODUCTION
Protoplanetary disks are the birth place of planets. Reveal-
ing their formation, evolution, and dispersal processes is es-
sential to understand planet formation.
The system of a protostar and a protoplanetary disk is
formed by gravitational collapse of a rotating pre-stellar core
in a molecular cloud. Observations provide us the statisti-
cal information of mass (e.g. Andre´ et al. 2014) and velocity
gradient (e.g. Caselli et al. 2002) of pre-stellar cores. Using
these information as an initial condition, three-dimensional
numerical simulations of collapsing pre-stellar cores have
unveiled the formation process of protostars and proto-
planetary disks (e.g. Machida et al. 2010; Inutsuka 2012;
Tsukamoto et al. 2015). However, such three-dimensional
simulations cannot follow the long-term evolution of the sys-
tem of a protostar and a disk because of their expensive
computational cost.
Most of gas in a pre-stellar core accretes onto a disk
⋆ E-mail: shigeo@astr.tohoku.ac.jp
because of the centrifugal force. For the early evolutionary
phase of this system, the disk is gravitationally unstable
because the disk is more massive than the protostar (e.g.
Vorobyov & Basu 2006; Machida et al. 2010; Inutsuka et al.
2010). During this phase, gravitational torque by spiral arms
formed in the disk efficiently transports the angular mo-
mentum, and the disk supplies the mass and entropy to
the protostar through accretion, which affects evolution-
ary tracks of protostars (Baraffe et al. 2009; Hosokawa et al.
2011; Baraffe et al. 2012). After most of the gas accretes
onto the disk, the protostar mass continues to increase
whereas the disk mass decreases because of mass accretion
from the disk to the protostar, so that the disk becomes
gravitationally stable. Then, the turbulent stress caused by
magneto-rotational instability (MRI) plays an important
role for disk evolution (Balbus & Hawley 1991). After the
accretion timescale of the protostar becomes shorter than
its thermal timescale, it starts the Kelvin-Helmholtz con-
traction (pre-main sequence, Hayashi 1961).
The protoplanetary disks are observed as infrared ex-
cesses in the spectroscopic observation of young stellar ob-
c© 2016 The Authors
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jects (YSOs). Infrared observations of young star clusters
give the relation between the cluster age and disk fraction.
These data suggest that protoplanetary disks disappear in
several million years (Myr) after the formation of pre-main
sequence stars (e.g. Yasui et al. 2010; Mamajek 2009). The
widely accepted picture of disk dispersal is the combination
of viscous accretion onto the star with the photoevapora-
tion that is the thermally-driven wind induced by the ir-
radiation of ultraviolet (UV) and X-rays (e.g. Clarke et al.
2001). Previous theoretical studies claim that the combina-
tion of photoevaporation and viscous evolution can explain
the observed disk lifetime (e.g. Alexander & Armitage 2009;
Gorti et al. 2009; Owen et al. 2010; Bae et al. 2013). How-
ever, the formation process of disk has been ignored in these
studies except for Bae et al. (2013).
The formation and dispersal processes of protoplanetary
disks have been independently investigated so far. However,
the disk evolution depends on the initial surface density pro-
file, which is determined by the property of the pre-stellar
core. Therefore, to obtain the reliable disk lifetime, the ini-
tial disk profile should be given by the model that takes
account of collapse of a pre-stellar core. Constructing such
a theoretical model enables us to bridge the observations
of pre-stellar cores and disk lifetime. Bae et al. (2013) con-
struct a model including the formation, evolution, and dis-
persal of the disk consistently. They calculate the evolution
of the disk formed from pre-stellar cores of different angular
velocities, and their model seems to be consistent with the
disk lifetime estimated by observations. However, they do
not consider the mass variation of pre-stellar cores, which is
likely to affect the disk fractions estimated from observations
of young star clusters.
In this paper, we calculate the formation, evolution,
and dispersal processes of the protoplanetary disks. We start
calculations from pre-stellar cores of various mass, and cal-
culate the disk evolution with photoevaporation by X-rays
until the disk disperses. We also estimate the disk fraction
at a given stellar age and the mean lifetime of disks and
compare it to the observations, which is the first attempt
that bridges the observations of pre-stellar cores and disk
lifetime. This paper is organized as follows. We describe a
model of disk formation, evolution of a star and a disk, and
photoevaporation in Section 2. The results of our calcula-
tions are represented in Section 3, and Section 4 is devoted
to summary.
2 MODEL
We construct the model including disk formation from a
pre-stellar core, co-evolution of a star-disk system, and pho-
toevaporation by X-rays from the central star. To see a wide
range of parameter space based on observations of pre-stellar
cores, we use some simplifications compared to Bae et al.
(2013).
2.1 Disk evolution
We solve the one-dimensional diffusion equation to calculate
the evolution of protoplanetary disks. We use the cylindrical
coordinate (r, φ, z), assume the axisymmetric flow, and in-
tegrate the fluid equations in vertical direction. Then, using
the equations of mass and angular momentum conservation,
we obtain the diffusion equation (e.g. Pringle 1981),
∂Σ
∂t
= −1
r
∂
∂r
[
1
(∂j/∂r)
∂
∂r
(
r3νΣ
dΩ
dr
)]
+ Σ˙inf − Σ˙PE, (1)
where Σ is the surface density, j is the specific angular mo-
mentum, Ω is the angular velocity, and ν is the kinetic vis-
cosity. In addition to the viscous evolution, we consider the
mass loss term by photoevaporation wind, Σ˙PE, and the
mass source term by infall from a pre-stellar core, Σ˙inf , as-
suming that the specific angular momenta of the infall and
wind are the same as those of the disk. We assume the hy-
drostatic equilibrium in the vertical direction, and then, the
scale height is given as H = cs/Ω, where cs is the sound
speed. We write c2s = kBTc/(µmH), where kB is the Boltz-
mann constant, Tc is the temperature of disk mid-plane,
µ = 2.35 is the mean molecular weight, and mH is the mass
of hydrogen atom.
In Equation (1), we assume the centrifugal balance,
j3/r2 = ∂Φ/∂r (Φ is the gravitational potential). The self-
gravity of a disk should be included, since it is comparable
to the stellar gravity in our calculations. We approximately
write the gravitational potential as the spherically symmet-
ric formula, Φ = GM(r)/r, where G is the gravitational
constant and M(r) = M∗ +
∫ r
0
2pir′Σ(r′)dr′ is the enclosed
mass of the star and the disk inside the radius r (M∗ is the
mass of the central star). Then, the specific angular momen-
tum and the angular velocity are written as j =
√
GM(r)r
and Ω = j/r2 =
√
GM(r)/r3, respectively.
We use the alpha prescription for viscosity ν = αc2s/Ω
(Shakura & Sunyaev 1973). In protoplanetary disks, the
gravitational torque and/or the torque due to magneto-
rotational instability (MRI) are responsible for the angu-
lar momentum transport, which gives α = max (αg, αMRI),
where αg and αMRI represent the torque due to self-gravity
and MRI turbulence, respectively. Since the gravitational
torque depends on how the disk is gravitationally unstable,
αg is often given as a function of Toomre’s Q parameter
Q = csκepi/(piGΣ), where κepi =
√
(dj2/dr)/r3 is epicyclic
frequency (Toomre 1964). We use αg = exp(−Q4) according
to Zhu et al. (2010) (see also Takahashi et al. 2013). For the
turbulent viscosity by MRI, we use a constant value of alpha,
αMRI = 0.01. In reality, the strength of MRI turbulence de-
pends on the resistivity, so that αMRI is expressed as a func-
tion of ionization degree (Gammie 1996; Okuzumi & Hirose
2011). Since this makes disk evolution complicated, we ig-
nore the effect of resistivity as a first step study.
Since the thermal timescale is much shorter than the
viscous timescale in the usual protoplanetary disks, we sim-
ply determine the temperature from the balance between
three heating processes and a radiative cooling. As the heat-
ing processes, we consider viscous heating, accretion from
the pre-stellar core, and irradiation from the central star
and ambient molecular cloud. The viscous heating rate is
Γvis =
9
4
νΣ
(
r
∂Ω
∂r
)2
. (2)
We assume that the specific internal energy brought by in-
falling material has the same value as the specific kinetic
energy of the local Keplerian motion, in which the heating
rate by infalling material from the pre-stellar core is written
MNRAS 000, 1–9 (2016)
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as
Γinf =
1
2
Σ˙infv
2
K, (3)
where we consider the rest of energy brought from the pre-
stellar core is radiated away. The irradiation flux, σSBT
4
irr,∗,
due to the central star of luminosity L∗ is estimated to be
(e.g. Menou & Goodman 2004)
σSBT
4
irr,∗ =
L∗
4pir2
H
r
(
∂ lnH
∂ ln r
− 1
)
, (4)
where σSB is the Stephan-Boltzmann constant, Tirr,∗ is the
temperature determined only by the irradiation from the
central star, and d lnH/d ln r− 1 is the shielding factor. We
fix d lnH/d ln r = 9/7 (Hueso & Guillot 2005) to avoid the
numerical oscillation, such as thermal instability (see be-
low). The irradiation heating rate is represented as (e.g.,
Menou & Goodman 2004),
Γirr =
8σSB(T
4
irr,∗ + T
4
amb)(
τ/2 + 1/
√
3 + 1/(3τ )
) , (5)
where Tamb is the temperature of ambient gas in molecular
cloud and τ = κΣ/2 is the optical depth (κ is the opacity).
The radiation cooling rate is represented as (Hubeny
1990; Menou & Goodman 2004)
Λrad =
8σSBT
4
c
3
(
τ/2 + 1/
√
3 + 1/(3τ )
) , (6)
where Tc is the temperature at disk midplane. We calcu-
late the equilibrium temperature of each process, Tvis, Tinf ,
and Tirr from Γvis = Λrad, Γinf = Λrad, and Γirr = Λrad,
respectively, and estimate the disk temperature to be
T 4c = T
4
vis + T
4
inf + T
4
irr. (7)
We note that in our model, the disk temperature is usually
determined by one dominant process of the three heating
processes. In this situation, error is small for the case with
the sum of the three temperatures, rather than the average.
In reality, τ depends on the temperature, but for simplic-
ity, we use the optical depth τ calculated in the previous
time step when calculating Tvis and Tinf (Tirr is independent
of τ ). Opacity in protoplanetary disk is given in Zhu et al.
(2009) as a useful fitting formula. This opacity induces
thermal instability for optically thick disks for Tc & 1500
K (Kimura & Tsuribe 2012), which leads to the variable
mass accretion onto protostar (Bell & Lin 1994; Zhu et al.
2010; Ohtani et al. 2014). Since investigating the dynamics
of thermal instability is beyond the scope of this study, we
use the opacity of solid grains, κ = 0.0528445T 0.738c , even
if temperature is higher than the evaporation temperature
of solid grains. This treatment cannot trace the variability
of mass accretion rate in a short period (typically 102–103
years). However, we consider that the time-averaged mass
accretion rate is correctly calculated because the averaged
mass accretion rate is determined at the outer region of the
disk that is thermally stable. Owing to this treatment of
thermal process, we can avoid shortening the timestep. This
enables us to investigate a wide parameter range.
2.2 Infall from a pre-stellar core
To obtain Σ˙inf , we use the model of disk formation based
on Takahashi et al. (2013). We set a critical BE density pro-
file with central density ρenv,0 and sound speed cs,env as an
initial state of the pre-stellar core. The radius of this core
is Rcore = 6.46cs,env/
√
4piGρenv,0, which is so called criti-
cal Bonnor-Ebert radius. Then, we increase the density as a
factor of fgrav to make the gravity stronger than the pres-
sure gradient. We assume that the core rigidly rotates with
angular velocity Ω0.
Because of the density enhancement, the core starts
gravitational collapse, and forms the disk and star system at
the center of the pre-stellar core. We divide the pre-stellar
core into spherical shells, and suppose that each shell of ini-
tial radius R simultaneously accretes onto the disk and star.
The time when the shell accretes is
tinf(R) =
√
R3
GMcore(R)
∫ 1
0
dR′√
ln(R′)/fgrav + 1/′R− 1
, (8)
where Mcore(R) =
∫ R
0
4piR′2ρenv(R
′)dR′ is the enclosed
mass inside the shell of radius R. The integral represents
the delay of gravitational collapse due to the pressure gradi-
ent. The total mass accretion rate onto the disk and star is
M˙inf = 4piR
2ρenv(R)dR/dtinf. We assume that the angular
momentum of each fluid element conserves during the col-
lapse, and the fluid element accretes at the radius where the
gravitational force balances the centrifugal force. Then, the
mass accretion rate at each radius is described as
Σ˙inf =
M˙inf
4piΩ0R2r
∂j
∂r
(
1− j
Ω0R2
)−1/2
. (9)
The gas infall from the pre-stellar core to the disk ends at t =
tfall ≡ tinf(Rcore). For t > tfall, M˙inf = 0 and Σ˙inf = 0. See
Takahashi et al. (2013, 2016) for more detail of the model
of disk formation. This model reproduces a disk structure
obtained by a three-dimensional hydrodynamical simulation
of Machida et al. (2010).
As an initial condition of star and disk, we put a proto-
star and a disk of 5× 10−3M⊙. We use the self-similar solu-
tion of Lynden-Bell & Pringle (1974) as an initial profile of
surface density. Note that the initial profile is unimportant
because the disk immediately forgets the initial condition
due to the mass accretion from the pre-stellar core and vis-
cous evolution. The time t = 0 is the instant at which the
core begins to collapse.
2.3 Photoevaporation
We consider photoevaporation by X-rays from the central
star. Although the extreme ultra-violet (EUV) photons have
also ability to generate disk winds, they cannot reach the
dense region of the disk due to their large cross-section.
Thus, the mass loss rate by EUV photons can be neglected
compared to that by X-rays (e.g., Owen et al. 2010, 2012).
We use the total mass loss rate and mass loss profile
provided by Owen et al. (2012). In their model, the total
mass loss rate, M˙X, and mass loss profile, Σ˙X, are
M˙X = 6.25×10−9
(
M∗
M⊙
)−0.068 (
LX
1030erg s−1
)1.14
M⊙ yr
−1,
(10)
Σ˙X(x > 0.7) = Σ˙0ξ(x) exp
[
−
( x
100
)10]
, (11)
MNRAS 000, 1–9 (2016)
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x(r, M∗) = 0.85
( r
au
)(M∗
M⊙
)−1
, (12)
where LX is the X-ray luminosity from the central star
(see the next subsection for prescription of LX) and Σ˙0
is the normalization factor determined by the condition
M˙X =
∫
∞
0
2pirΣ˙Xdr. We set Σ˙X = 0 for x < 0.7. In the
late phase, this X-ray driven winds creates an inner hole
in the disk. We evaluate the inner hole radius, rhole, such
that τX = 1, where τX =
∫ rhole
rin
σXρ0dr/(µmp) is the optical
depth for X-rays from the central star (σX ∼ 10−22 cm2 is
the X-ray cross-section for a particle of gas). The existence
of an inner hole modifies the mass loss rate and profile. If
x(rhole,M∗) > 0.7 is satisfied, we use the mass loss rate and
profile with an inner hole written as
M˙X = 4.8×10−9
(
M∗
M⊙
)−0.148 (
LX
1030erg s−1
)1.14
M⊙ yr
−1,
(13)
Σ˙X(y ≥ 0) = Σ˙0ζ(y) exp
[
−
( y
57
)10]
, (14)
y(r − rhole, M∗) = 0.95
(r − rhole
au
)(M∗
M⊙
)−1
. (15)
See Appendix B of Owen et al. (2012) for the detailed for-
mulae of ξ(x) and ζ(y).
After the hole formation, there remains a little amount
of gas inside the hole. This gas can absorb the X-rays, so that
the disk wind should blow even for y < 0. Since absorption
rate of the X-rays is proportional to the density, we assume
the following formula for y < 0,
Σ˙X(y < 0) = Σ˙X(y = 0)min
(
Σ(y)
Σ(y = 0)
, 0.1
)
. (16)
We set Σ˙X = 0 for x < 0.7.
It is likely that the photoevaporation is suppressed dur-
ing the infall phase. Thus, for t < tfall, we set M˙X = 0.
2.4 Evolution of central stars
We need to take the stellar evolution into account because its
luminosity is important for the disk temperature. When the
protostellar mass is increasing, we assume that the proto-
star evolves along the birthline provided by Stahler & Palla
(2005), which corresponds to the evolutionary track of an ac-
creting star. Although Baraffe et al. (2009) has pointed out
that entropy brought to accreting stars through accretion
can modify the evolutionary tracks of the accreting stars
significantly, we use a standard evolutionary model for sim-
plicity. When the growth of stellar mass is completed, we
use the evolutionary tracks for pre-main sequence stars of
Siess et al. (2000). We judge the end of growth of the stellar
mass by the condition that the disk evaporation timescale
becomes sufficiently shorter than the growth timescale of
stellar mass, tgrow ≥ 3tevap, where tevap = Mdisk/M˙X and
tgrow = M∗/M˙∗ (M˙∗ is the mass accretion rate onto the
central star). We define the instant when this condition is
Figure 1. The time evolution of physical quantities for run A2.
The top panel shows M∗ (solid) and Mdisk (dashed). The middle
panel depicts mass accretion rate from disk to star (solid), M˙inf
(dashed), and M˙X (thick-dotted). The bottom panel represents
L∗,ph (solid) and Laccrt (dashed). The left and right thin-vertical
dotted lines show tfall and tpms, respectively.
satisfied as the starting time of pre-main sequence phase,
tpms. We have confirmed that the growth of the stellar mass
is less than 4% after tpms. We obtain the photospheric stellar
luminosity, L∗,ph, and the stellar radius, R∗, as a function of
the stellar mass and time from the data sets of evolutionary
tracks by using the linear interpolation. We also calculate
the accretion luminosity, Laccrt = |GM∗M˙∗/(2R∗)|, and use
the sum as the stellar luminosity L∗ = Laccrt + L∗,ph.
MNRAS 000, 1–9 (2016)
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Table 1. Parameter sets for each runs.
Runs nenv,0 Ω0 LX,0
[106 cm] [km s−1 pc−1] [LX,m]
A1 2.0 0.5 1.0
A2 (reference) 2.0 1.5 1.0
A3 2.0 2.5 1.0
B1 0.5 1.5 1.0
B2 8.0 1.5 1.0
C1 2.0 1.5 0.2
C2 2.0 1.5 5.0
We use the X-ray luminosity suggested by
Preibisch et al. (2005): LX = LX,0 (M∗/M⊙)
1.44, where
LX,0 is a parameter in the present paper. The mean value
and standard deviation of the parameter LX,0 are set to be
2.3× 1030 erg s−1 and 0.65 dex, respectively.
2.5 Disk dispersal condition
The disk fraction of each cluster is usually determined by
observations of near-infrared (NIR, e.g. Haisch et al. 2001),
and the mean disk lifetime is derived by the integration of
disk fractions of clusters. Thus, we use the disk dispersal con-
dition such that the optical depth in the NIR-emitting region
becomes lower than unity. We define the NIR-emitting re-
gion as a hotter region than 300 K because NIR ranges from
1 to 8 µm. The disk dispersal time in NIR range, tNIR, is
defined as the instant when τ < 1 is satisfied in the region
where Tc >300 K. Observationally, the age of young clusters
is determined by using the evolutionary tracks of pre-main
sequence stars. The age is not defined as the time after the
collapse of a pre-stellar core, but defined as the time after
the pre-main sequence phase starts. Thus, we estimate the
disk lifetime of NIR to be tlife = tNIR − tpms.
3 RESULTS
3.1 Typical evolution of a protoplanetary disk
We calculate the evolution of protoplanetary disks, taking
account of formation and evaporation. We set computational
region from 0.01 to 104 au. We equally divide the region in
logarithmic space with 100 meshes, and solve Equation (1)
explicitly using the forward-time centered-space diferencing
scheme (Press et al. 1992). We fix fgrav = 1.4, cs,env = 1.9×
104 cm s−1, Tamb = 10 K, and αMRI = 0.01. We calculate
several values of Ω0, nenv,0, and LX,0 as tabulated in Table
1.
Figure 1 shows the time evolution of physical quantities
for run A2. There are three phases: infall phase t < tfall, vis-
cous evolution phase tfall < t < tpms, and pre-main sequence
phase t > tpms. In the infall phase, the mass accretion rate
from cloud core is as high as ≃ 5 × 10−6 M⊙ yr−1, and
both the protostar mass and the disk mass increase. The
gravitational torque dominates over the MRI turbulence for
the mechanism of angular momentum transport during this
phase. After infall finishes, the disk mass decreases while
the protostar continues to grow up, owing to the high mass
Figure 2. The time evolution of radial profile of surface density
(upper) and temperature (lower) for run A2.
accretion rate from the disk onto the protostar. The MRI
turbulence mainly drives this mass accretion, and the typi-
cal mass accretion rate is about 10−8–10−7 M⊙ yr
−1, which
is consistent with observation of T-Tauri stars. After a few
Myr, the disk becomes sufficiently lighter than the central
star, and the pre-main sequence phase starts because the
condition tevap < 3tgrow is satisfied. For t > tpms, the central
star becomes fainter because of Kelvin-Helmholtz contrac-
tion. The mass accretion rate onto the central star continues
to decrease, while the photoevaporation is efficient. Thus,
the disk becomes lighter and lighter, and finally, the disk
disperses.
The upper panel of Figure 2 shows the radial profile
of surface density with some time snapshots for run A2. In
the early phase of disk evolution, the disk spreads outward
due to the diffusion nature of viscous accretion disks (e.g.
Lynden-Bell & Pringle 1974; Pringle 1981). The cutoff ra-
dius rcut (kind of disk radius; see Appendix for the definition
of rcut) increases with time, and is larger than rcent at t =
tpms as shown in Table 2, where rcent = R
4
envΩ
2
0/(GMenv) is
the centrifugal radius of outermost region of the pre-stellar
core. Although the photoevaporation process has little ef-
fect on disk evolution during the infall and viscous evolution
phases, it determines the disk structure in pre-main sequence
phase. Since the mass loss profile by photoevaporation has
a peak, the gap appears around 1 au (e.g. Owen et al. 2010;
Bae et al. 2013). After the gap formation, the inner disk
MNRAS 000, 1–9 (2016)
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that is detached from the outer disk accretes onto the cen-
tral star in its viscous timescale (∼ 105 years), which is much
shorter than other timescales, such as the disk evaporation
timescale (∼ 107–108 years). Thus, the gap becomes an in-
ner hole. Then, the mass loss profile changes to that with an
inner hole (see Section 2.3). This profile has a sharp peak at
the inner edge of the disk. Therefore, the disk is dissipated
from the inside to outside (Clarke et al. 2001; Owen et al.
2010).
The bottom panel of Figure 2 shows the radial profile
of temperature for run A2. During the infall phase, viscous
heating dominates over the other heating mechanisms inside
the cutoff radius. The heating by the infalling material is al-
ways sub-dominant. After the infall finishes, the irradiation
heating determines the temperature for outer region of the
disk (e.g. r & 10 au at t = 0.58 Myr). As surface density
decreases, the viscous heating rate is gradually decreasing,
and the radius at which Tirr = Tvis moves inward. After
tpms, the stellar evolution results in the decrease of the ir-
radiation temperature with time. Note that the duration of
the Hayashi phase of solar-mass stars is about 107 years.
We tabulate the resultant physical quantities in Table 2.
All the calculations qualitatively have the same evolutionary
characteristics described above. We find that the timescales
are longer for lower nenv,0, higher Ω0, and lower LX,0. The
cores with higher Ω0 have higher angular momenta. This
makes the disk radius larger, which leads to the longer disk
evolution timescales tpms and tlife. For lower nenv,0, tfall is
longer, since tfall is proportional to the free-fall time. The
cores with lower nenv,0 have higher angular momenta ow-
ing to the larger initial disk radii, so that they have the
longer tpms and tlife. The photoevaporation rate is higher
for higher LX,0, which results in the shorter tpms and tlife.
We also find that the disk lifetime has a power-law depen-
dence on parameters, tlife ∝ Ω0.40 , ∝ M0.5env, and ∝ L−0.8X,0 as
illustrated in Figure 3. Thus, the stellar X-ray luminosity
has the strongest impact on the disk lifetime.
For runs with higher Ω0, lower nenv,0, and lower LX,0,
the duration of the accretion phase (tpms − tfall) seems to
be longer (∼ 3–5 Myr) than expected (Evans et al. 2009;
Maury et al. 2011). If this long accretion phase is real under
a system with a high Ω0, the age spread of pre-main sequence
stars in clusters (e.g. Hillenbrand 2009) can be solved by the
scatter of angular momenta of pre-stellar cores. It is also ex-
pected that the longer accretion phase arises from our treat-
ment of stellar evolution, for which the pre-main sequence
phase starts when the growth of the protostar stops. It is
expected that the pre-main sequence phase starts when the
timescale of Kelvin-Helmholtz contraction becomes shorter
than the growth time of the central star. This condition is
approximately written as L∗,ph > Laccrt, which is satisfied
for t < tpms (see the bottom panel of Fig. 1). In order to
obtain a solid conclusion, we should simultaneously solve
the evolution of the central star with time-dependent mass
accretion, which is beyond the scope of this paper.
3.2 Disk fraction
For comparison of our results to observations, we derive disk
fraction as a function of stellar age. To obtain the disk frac-
tion, we consider the distribution functions for Ω0, Menv,
and LX,0. From observations of pre-stellar cores, we can ob-
Figure 3. The disk lifetime tlife as a function of Ω0 (upper),Menv
(middle), and LX,0 (lower). The dotted lines show the dependence
of disk lifetime on these parameters.
tain the distribution function of Ω0 and the core mass func-
tion (CMF; the distribution function ofMcore). Caselli et al.
(2002) observed velocity gradients of 26 pre-stellar cores. We
use their data to obtain the distribution function of Ω0. We
find that the distribution function is well-fitted by the nor-
mal function,
fΩ =
dN
dΩ0
= C1 exp
[
(Ω0 − Ωm)2
2σ2Ω
]
, (17)
with Ωm = 0.8 km s
−1 ps−1 and σΩ = 1.5 km s
−1 ps−1.
We plot the observational data and fitting function of the
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Table 2. Resultant quantities for each runs. For M∗ and Mdisk, we write their values at both t = tfall and t = tpms. For rcut, the values
at t = tpms is described.
Runs tfall tpms tlife Mcore M∗ Mdisk Rcore rcent rcut
[Myr] [Myr] [Myr] [M⊙] [M⊙] [M⊙] [104 au] [102 au] [102 au]
A1 0.16 0.73 1.6 0.90 0.73/0.82 0.17/0.071 6.5 0.14 1.9
A2 (reference) 0.16 2.2 2.5 0.90 0.53/0.76 0.37/0.12 6.5 1.3 6.8
A3 0.16 3.5 3.0 0.90 0.44/0.73 0.47/0.15 6.5 3.4 12
B1 0.32 5.1 3.3 1.8 0.80/1.3 1.0/0.44 13 8.9 15
B2 0.079 0.88 1.8 0.45 0.34/0.42 0.11/0.032 3.2 0.16 3.0
C1 0.16 5.3 10 0.90 0.53/0.82 0.37/0.074 6.5 1.3 15
C2 0.16 0.81 0.76 0.90 0.53/0.69 0.37/0.18 6.5 1.3 3.0
Figure 4. The distribution function for Ω0. The thin line shows
the observational data, and the thick line shows the fitting result.
distribution function in Figure 4, in which we see that the
fitting formula matches the observation well. For CMF, we
use CMF of Aquila given in Ko¨nyves et al. (2010), which is
represented as a log-normal function,
fM =
dN
d logMcore
= C2 exp
[
(logMcore − logMm)2
2σ2M
]
, (18)
where Mm = 0.9M⊙ and σM = 0.3 are the peak and disper-
sion of the log-normal function, respectively. In addition to
the distributions of pre-stellar cores, we consider the distri-
bution of LX,0 from X-ray observations of YSOs. Assuming
the distribution function for LX,0 is the log-normal, we can
write it as
fL =
dN
d logLX,0
= C3 exp
[
(logLX,0 − logLX,m)2
2σ2L
]
, (19)
where LX,m = 2.3 × 1030 erg s−1 and σL = 0.65
(Preibisch et al. 2005).
Assuming that these parameters have no correlation,
the disk fraction at the stellar age t′ is represented as
fdisk(t
′) =
∫ ∫ ∫
dΩ0d logMcored logLX,0Θ(tlife − t′)fΩfMfL∫ ∫ ∫
dΩ0d logMcored logLX,0fΩfMfL
(20)
where Θ(t′) is the Heaviside’s step-function. We note that
the age t′ = 0 is the instant when the pre-main sequence
phase starts. We perform 83 = 512 calculations for a pa-
rameter range of 0.5 km s−1 pc−1 ≤ Ω0 ≤ 4 km s−1 pc−1,
0.45 M⊙ ≤ Mcore ≤ 1.8 M⊙, and 0.2LX,m < LX,0 < 5LX,m.
We equally divide the grid of Ω0 in linear space, while the
grids of Menv and LX,0 are equally divided in logarithmic
space. The comparison of resultant disk fraction to that es-
timated from observations is shown in the upper panel of
Fig. 5. Our model gives the disk fraction that exponentially
decreases with time fdisk ∝ exp(−t/tlife,m), where tlife,m ≃
3.7 Myr is the mean lifetime of disks. This lifetime is consis-
tent with the observational estimate of 3.8 Myr obtained by
Yasui et al. (2014), although there still remains uncertainty
in the observational estimate (the mean lifetime is 2.5 Myr
according to Mamajek (2009)). Our model gives the slightly
larger disk fraction at a given time. We discuss the reason
in the next section.
To see the parameter that mainly broaden the disk life-
time, we calculate the disk fraction varying only one param-
eter and fixing the other parameters as their reference values
(Ω0 = 1.5 km s
−1 pc−1, Menv = 0.9M⊙, LX,0 = LX,m). The
result is shown in the lower panel of Fig. 5. Although the
disk fractions are step-like because of the lack of resolution
in the parameter space, we find that the X-ray luminosity
mainly determines the broadening of disk fraction, whereas
the angular velocity and mass of pre-stellar cores are sub-
dominant. Therefore, further studies are highly encouraged
to reveal the origin of the X-ray luminosities of YSOs (e.g.
Flaccomio et al. 2003; Preibisch et al. 2005; Telleschi et al.
2007). This broadening of disk fraction by the dispersion in
X-ray luminosities has been reported by Owen et al. (2011).
In this paper, we assume that the alpha parameter by
MRI turbulence, αMRI, is constant. For the case with low
LX,0, the ionization degree in the disk decreases, and MRI
can be inactivated (Igea & Glassgold 1999; Turner & Sano
2008; Fujii et al. 2014). Since αMRI in the MRI inactive re-
gion is lower than that in MRI active region, it may be
correlated with the X-ray luminosity. If this effect is in-
cluded in our model, the model with weaker (stronger) LX,0
has a lower (higher) value of αMRI, which results in longer
(shorter) tlife. This probably causes rapider decrease of the
disk fraction in early phase and slower decrease in rate phase
than that shown in Figure 5. The impact of dead zone on
the mean lifetime, tlife,m, remains as a future work.
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Figure 5. Calculated disk fraction as a function of time. The
upper panel shows comparison of our model to observational es-
timates. The our model (solid line) is roughly consistent with the
observational estimate by Yasui et al. (2014) (dashed line). The
dotted line is another observational estimate (Mamajek 2009).
The lower panel shows the effect of each parameter on broad-
ening the lifetime of disks. The effects of rotation (thick-solid)
and envelope mass (thick-dashed) is sub-dominant, while the X-
ray luminosity (thick-dotted) mainly determines the disk lifetime.
The model prediction shown in upper panel (thin-solid) and mean
lifetime (thin-dotted) are also shown.
4 SUMMARY
We have calculated the evolution of protoplanetary disks,
taking account of formation from pre-stellar cores and dis-
persal by X-ray photoevaporation. A typical pre-stellar core
collapses to form the star-disk system in 0.2 Myr. After
infall from the pre-stellar core finishes, the star mass in-
creases through accretion from the disk, while the disk mass
gradually decreasing. Then, a few Myr later, mass accretion
rate onto the star becomes sufficiently low, and pre-main
sequence phase starts. It takes another 2–4 Myr for photoe-
vaporation by X-rays to create a gap in disk at ∼ 1 au. Soon
after the gap formation, gas of the inner disk accretes to the
star, and disk becomes unobservable in NIR. If a pre-stellar
core has higher angular velocity or lower central density,
its evolution timescale is longer than typical one. Also, the
lower X-ray luminosity of the central star is, the longer the
evolution timescale is. In addition, we have estimated the
disk fraction at a given stellar age, constructing the distri-
bution functions of pre-stellar cores and X-ray luminosities
of YSOs by using the observational data. As a result, the
mean lifetime of protoplanetary disks is tlife,m ≃ 3.7 Myr,
which is consistent with the observational estimate. We have
also found that the X-ray luminosity has the strongest im-
pact on the disk lifetime in our model.
Finally, we discuss the effects of ignored processes,
which may be the reason why our model slightly overes-
timates the disk fraction systematically. First, we ignore far
ultraviolet (FUV) photons from the central star. Although
the FUV photoevaporation rate in Gorti et al. (2009) is com-
parable to the X-ray photoevaporation rate in Owen et al.
(2012), it is complex and still a work in progress (see
Alexander et al. 2014, for a more detailed review). The large
scale magnetic field also seems to affect the disk lifetime,
which is ignored in our model for simplicity. The angular
momentum in a collapsing pre-stellar core is transported
outward by magnetic braking during the infall phase (e.g.,
Machida et al. 2011). This makes disk radius smaller, which
results in shorter disk lifetime. Also, the large scale mag-
netic field drives disk winds via turbulent thermal pressure
(e.g., Suzuki et al. 2010), or magnetic centrifugal force (e.g.
Blandford & Payne 1982). These winds also shorten the disk
lifetime through the transport of angular momentum and
mass. This effect of disk winds may be dominant process of
disk dispersal if there are strong vertical magnetic fields, as
discussed in Bai (2016). On the other hand, if we include
the resistivity, some part of the disk becomes MRI inactive
(dead zone, e.g. Gammie 1996; Sano & Miyama 1999, see
Section 3.2). This probably makes disk lifetime longer, be-
cause the materials accumulate in the dead zone (Bae et al.
2013). In addition, as discussed in Section 3.1, our treatment
of stellar evolution is incomplete. In reality, tpms should be
shorter, which probably makes the disk lifetime longer. More
realistic calculations including these effects remain as a fu-
ture work.
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APPENDIX A: ESTIMATION OF CUTOFF
RADIUS
Consider a disk with the following surface density profile,
Σ(r) = Σ0
(
r
rcut
)−p
exp
(
− r
rcut
)
, (A1)
where rcut is the cutoff radius. The enclosed disk mass inside
r is estimated to be
M(r) = 2pi
∫ r
rin
r′Σ(r′)dr′
= 2pir2cutΣ0γ (−p+ 2, r/rcut) , (A2)
where γ(a, x) is the lower incomplete gamma function. The
total disk mass is described as
Mdisk = 2pir
2
cutΣ0Γ(−p+ 2), (A3)
where Γ(a) is the gamma function. Dividing Equation (A2)
of r = rcut by (A3), we obtain the cutoff radius from follow-
ing equation,
M(rcut) =Mdisk
γ(−p+ 2, 1)
Γ(−p+ 2) . (A4)
The disk profile is Σ(r) ∝ r−15/14 when the irradiation from
the central star is the dominant heating source. In this case,
γ(−p+ 2, 1)/Γ(−p+ 2) ≃ 0.663. Using this value and (A4),
we tabulate the resultant cutoff radius at t = tpms in Table
2. Independently, we get rcut by directly fitting the simula-
tion result by Equation (A1), and it is found that these two
estimates are consistent within a factor 1.2.
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